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Prevalence of Galactic Wind Feedback

Purple:  Hα+NII

Blue: HST, optical
M82 NGC3079

Blue:  Chandra (X-ray)
Red Green:  HST (optical)

-- Pollution of Intergalactic Medium by metals

Images: Subaru, NASA



Ubiquitous Outflows in High-z SF 

(Fig. from Erb ’15)

~200 km/s ~500 km/s shift

Back-scattering of Lyα
Absorption

z=2.7 lensed LBG (MS1512-cB58;  Pettini+’02)

(see also  Pettini+’01; Shapley+’03)

(Weiner+’ 09)

z~1.4  DEEP2 (1492 gals)
Mg II absorption in co-added spectra

Vwind ∼ SFR0.3

Vwind ∼ SFR0.35 (Martin+’ 05)low-z ULIRGs



Dark Matter Halo —>  Galaxies

DM halo mass function

Galaxy Stellar MF (LF)

(cf. Press-Schechter theory ’74
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Stellar-to-Halo Mass Ratio (SHMR)

Behroozi+’10, ’13, ‘18
(cf.  Ilbert+’10;  George+’11;  Leauthaud+’12)

~1012M⦿ 
AGN Feedback?SN Feedback

Abundance Matching
result



Supernova(SN) Feedback

• Source of radiation, metals, cosmic 
rays;  Etot~1053 erg/SN

• Total FB energy: Efb~1051 erg/SN 

• —> Efb~1048-49 erg/M⦿  (Ek, Eth)

• Outflows, Suppression of SF

Crab Nebula — SN 1054  (NASA, ESA)

mesh codes
SPH

(White & Rees 78; Dekel & Silk ’86)

Vw • Kinetic energy & momentum
• Thermal energy
• Type I, II



SN feedback efficiency
Type II SNe: 

injected into ISM.

~30% of this couples to ISM as kinetic E —> galactic wind

Kinetic energy of GW:

mass-loading 
factor

energy-mass 
deposition 

rate

(IMF)

GW velocity:



w/  feedback w/out  feedback

volume filling factor 

Z >10 ︎-3 Zsun :  ~6%

Z >10 ︎-2 Zsun ︎ :  ~4% 

Z >10 ︎-1 Z︎sun :  ~2%

Cen, KN, 
Ostriker ’05
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Vogelsberger+’14

DM Gas Temperature Metallicity

z=4

z=2

z=1

z=0
Time

75 cMpc/h



Historical Flow Chart of SN Feedback Treatment

Simple thermal feedback

Phenomenological subgrid model (thermal + kinetic) 
based on galactic properties (SFR, Mstar, Mhalo)

1st phase
‘90s

2nd phase
’00-‘10

More direct, local, 
thermal+kinetic+radiative feedback

3rd phase
’10~

(w/ zoom sim)

Multi-phase ISM 
model

“Overcooling problem”



“Energy-driven”  vs.  “Momentum-driven”

ṀW = ηṀ⋆,

Energy-driven:

Momentum-driven:

η =
(

σ0

σgal

)2

η =
σ0

σgal

σ0 ≈ 300 km s−1

1
2
ṀW V 2

W ∼ ĖSN ∼ SFR

VW ∼ Vesc ∼ σgal

ṀW VW ∼ Ṗrad ∼ SFR

Radiation pressure from massive stars 
and SNe is applied to the dust 

particles, which entrains the wind

Higher mass-loading factor for lower mass galaxies.
Murray+ ’05

η : mass-loading factor

Galactic Wind (Kinetic) Feedback
Need to specify Ṁw and Vw



Multicomponent Variable Velocity 
(MVV) Wind model

Choi & KN ’10

DEEP2 obs (Wiener+ ’09)

2582 J.-H. Choi and K. Nagamine

Figure 1. Input wind parameters (vwind and η) for the MVV wind model. Left-hand panel: wind velocity as a function of the galaxy SFR, assuming ζ = 1. We
compare vwind at z = 3 and 5, as well as the constant wind velocity (484 km s−1) in the CW run. The yellow shade is the observed wind velocity range from
Weiner et al. (2009). Right-hand panel: wind mass-loading factor as a function of the galaxy velocity dispersion. We compare η for the energy-driven wind
and momentum-driven wind, as well as the constant η in the CW run. The points are the observed data from Martin (1999).

where σ 0 = 300 km s−1, and σ gal = vesc/2 is the velocity dispersion
of the galaxy. In the momentum-driven wind case,

η = σ0

σgal
. (8)

In Fig. 1, we show the scaling of η and vwind as a function of
galaxy SFR and velocity dispersion σ . In the left-hand panel, one
can see that, in the MVV model, the wind velocity is an increasing
function of the SFR and redshift, in contrast to the constant wind
velocity model. Unfortunately, it has not been understood which
wind-driving mechanism is the dominant process, and the current
observational data are not yet robust enough to clearly discern the
best wind model. Therefore, we develop a new wind model by
employing both mechanisms in this paper. In the low-density regions
(ρgas < ρ th), the gas is sufficiently far away from star-forming
regions, and the hot bubbles of the gas are easy to expand and escape
the region. Therefore, in our fiducial wind model, we employ the
energy-driven mechanism for the gas particles with ρgas < ρ th. On
the other hand, in the high-density star-forming regions (ρgas >

ρ th), gas is close to the massive stars and SNe, and more likely to be
subject to a strong radiation from these sources. Therefore, in our
fiducial wind model, we employ the momentum-driven mechanism
for the gas particles with ρgas > ρ th.

Since the new model generates the wind particle from both star-
forming and non-star-forming regions, the η parameter can be writ-
ten as an addition of two separate parts:

η = ηSF + ηnon-SF, (9)

where ηSF = Ṁw,SF/Ṁ⋆ for the wind from star-forming gas and
ηnon-SF = Ṁw,non-SF/Ṁ⋆ for the wind from non-star-forming gas.
Therefore,

Ṁw = Ṁw,SF + Ṁw,non-SF = (ηSF + ηnon-SF)Ṁ⋆ (10)

for the total wind. Since the wind particles are selected randomly
within a given galaxy, the mass fraction of the wind material that
comes from star-forming and non-star-forming gas would depend
on the masses of the two components.

We note that our new wind model is an alternative phenomenolog-
ical model for galactic outflow in cosmological SPH simulations.
The values of wind parameters are determined by observational
constraints rather than from physical first principles. In addition,
the wind particles are decoupled from the hydroforce during the
wind phase. This assumption has been criticised by a few authors
(e.g. Dalla Vecchia & Schaye 2008), owing to its unphysical nature.
However, it is expected that the hydrodynamical interaction between
wind particles and other gas particles in the galaxy could give rise to
unwanted effects for low-resolution simulations. If galactic outflow
cannot be launched due to hydrodynamic interaction, there is no
point in implementing this phenomenological model in our simula-
tion. In the future, we need to continuously improve our model so
that the wind generation and propagation will be based on physical
principles.

In the default model, we adopt ζ = 1.5 for the momentum-
driven wind (for the high-density gas source) and ζ = 1 for the
energy-driven wind (for the low-density gas source). We call this
default model the ‘1.5ME’ run. The value of ζ for the momentum-
driven wind can be greater than unity, because the radiation pressure
applied by the massive stars can continuously push the outflowing
gas to a velocity greater than the escape velocity. Besides our fiducial
wind mixture, we also test several other mixtures of η and ζ , as
shown in Table 1 For comparison purpose, we also consider the
models with no wind (NW) and a CW (Springel & Hernquist 2003).
In the CW run, only star-forming SPH particles can become wind
particles, and fixed values of η = 2 and vwind = 484 km s−1 are
adopted.

In this paper, we adopt the latest WMAP5 cosmology: &m =
0.26, &' = 0.74, &b = 0.044, h = 0.72, ns = 0.96 and σ 8 =
0.80 (Komatsu et al. 2009). The simulations are initialized with
2163 particles each for gas and dark matter in a comoving box of
(10 h−1 Mpc)3. We stop this series at z = 2.75, as it misses the long-
wavelength perturbations at lower redshifts. In these simulations,
the dark matter particle mass is 5.96 × 106 h−1 M⊙ and the initial
gas particle mass is 1.21 × 106 h−1 M⊙. Using the identical initial
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scale as vwind ∝ SFR0.3. Martin (2005) also reported that vwind ∝
SFR0.35. These observations attempt to make connections with the-
oretical models of wind-driving mechanisms (e.g. Murray, Quataert
& Thompson 2005), but a clear connection between the theory and
observations is yet to be established.

Our current understanding of the wind-driving mechanisms and
the propagation processes of outflow from first principles is still
crude. Although there has been some recent progress using high-
resolution hydrodynamic simulations in generating galactic out-
flows and resolving the evolution of shocked, swept-up shell (Mac
Low & Ferrara 1999; Mori, Ferrara & Madau 2002; Fujita et al.
2009), many uncertainties remain regarding the energy source of
the wind, instabilities in the outflowing medium, and the interaction
between the wind and ambient gas.

Moreover, in cosmological hydrodynamic simulations, there is
a so-called ‘overcooling’ problem: if the SN feedback energy is
deposited as a thermal energy and the simulation does not have
an adequate resolution to resolve the expanding hot bubble of gas,
the thermal energy is quickly radiated away without having any ef-
fect on the surrounding medium (e.g. Katz, Weinberg & Hernquist
1996; Ceverino & Klypin 2009). In the real Universe, overlapping
SN explosions form a low-density superbubble of hot gas, which
lasts longer and significantly affects the evolution of the surround-
ing medium by suppressing subsequent cooling of gas. These hot
superbubbles cannot be resolved even in the highest resolution cos-
mological simulation of today’s, if one wants to follow the dynam-
ical evolution of numerous galaxies simultaneously in a comoving
volume of > 10 Mpc. Therefore, the present-day cosmological hy-
drosimulations could still suffer from the overcooling problem, if
no further treatment is given.

To avoid this problem, many cosmological simulations adopt a
phenomenological model of galactic outflow. One widely adopted
treatment employs a subgrid multiphase interstellar medium (ISM)
model and the ejection of smoothed particle hydrodynamic (SPH)
particles as winds (Springel & Hernquist 2003; Tornatore et al.
2004; Oppenheimer & Davé 2006). In this model, the SN energy is
deposited in the hot ISM, and the galactic outflow is generated by
temporally converting some gas particles into wind particles based
on the mass-loading factor:

η ≡ Ṁw

Ṁ⋆

, (1)

where Ṁw and Ṁ⋆ are the wind mass transfer rate and galaxy SFR,
respectively. The wind particles get the initial kick according to the
amount of SN energy injection, and all wind particles initially have
the same velocity and the same η, that is, the ‘constant velocity wind’
(CW) model. During the wind phase, the particles are temporally
decoupled from the hydroforce and are able to escape from the
galaxy. This wind particle method can enrich the IGM, and regulate
the galaxy growth and star formation.

We point out that there are several other attempts to model galaxy
outflows in cosmological simulations. Stinson et al. (2006) proposed
to suppress gas cooling during the expansion of the SN bubble phase,
whose size is computed by a blast-wave model. This approach al-
lows them to avoid the ‘overcooling’ problem. Scannapieco et al.
(2006) proposed to explicitly divide the SPH particles into cold and
hot phase particles, and performed the SPH smoothing separately
for each phase to avoid the artificial cooling caused by the mixing
of different phases. Their model also suppresses the cooling of SN
energy injected into the cold phase and converts the cold phase to
the hot phase after a certain amount of SN energy injection. Dalla
Vecchia & Schaye (2008) implemented the kinetic feedback by in-

jecting the SN kinetic energy into the neighbouring gas particles.
Each of these attempts has remedied the overcooling problem to
some extent and improved the galactic outflow model in cosmolog-
ical hydrodynamic simulations.

Although the wind particle method developed by Springel &
Hernquist (2003) and other alternative approaches have been suc-
cessful to some level, there are still remaining issues. First, there
are two theoretical ideas for the wind-driving mechanism – the
‘energy-driven’ wind and the ‘momentum-driven’ wind model. In
the energy-driven model, the thermal energy injected by SNe into
the ambient medium drives the galactic wind through the expan-
sion of hot bubbles. In the momentum-driven model, the momen-
tum applied by the radiation pressure from massive stars pushes
the dust particles, which entrain the gas to drive galactic winds
(Murray et al. 2005). An important point is that the two models
have different values for the η parameter:

η ∝
{

σ − 2
gal (energy driven)

σ − 1
gal (momentum driven),

(2)

where σ gal is the velocity dispersion of the galaxy (Murray et al.
2005). However, we note that these relationships are derived from
simple scaling arguments and may not be so robust. The values of
η are only loosely constrained by observations (e.g. Martin 1999).
The relative importance of the two theoretical ideas has not been
considered carefully in cosmological hydrodynamic simulations.

Secondly, there are many problems in the previously adopted
wind models. For example, the CW model seems to predict too little
C IV absorption and too small C III/C IV ratios (Aguirre et al. 2005),
and overheats the IGM (Oppenheimer & Davé 2006). The latter
work also argued that the momentum-driven wind model produces
more mass-loaded but low-velocity wind from early galaxies, so as
to eject a substantial metal mass into the IGM without overheating
it.

Thirdly, the multiphase nature of the wind medium has not been
recognized very much for the galactic wind models in cosmological
simulations. In the earlier work, the wind particles were selected
only from star-forming particles or their neighbours. Owing to the
hot gas heated by the SNe in the subgrid ISM model, the gas temper-
ature in and around the star-forming region is very hot. In addition,
the high constant wind velocity may have heated the IGM too much,
and we need to revise the wind model to incorporate a cold compo-
nent into the wind medium.

The best way to resolve these issues is to perform hydrodynamic
simulations with a very high resolution and simulate the galactic
outflow in a cosmological environment from first principles. How-
ever, the computational expense of such a cosmological simulation
is still very high and not possible at this moment. An alternative
approach is to develop more realistic phenomenological galactic
outflow models and verify the model by comparing with observa-
tions; we can gain deeper insight into the phenomenon of galactic
outflow. In this paper, we adopt the latter approach to study the
role of galactic outflow in galaxy formation and develop a new
phenomenological wind model. The new outflow model relies on
the observational constraints: the wind velocity (vwind) as a func-
tion of the galaxy SFR and η based on the galaxy mass. Using this
phenomenological approach, the new model captures the multicom-
ponent origin of the wind material and variable wind velocity.

This paper is organized as follows. In Section 2, we describe our
simulation with a focus on the new wind model. In Section 3, we
present some of the global statistics, such as the overall distribution
of the gas temperature and metals, cosmic SFR, and galaxy mass
functions. In Section 4, we focus on the IGM properties, such as the
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Figure 1. Input wind parameters (vwind and η) for the MVV wind model. Left-hand panel: wind velocity as a function of the galaxy SFR, assuming ζ = 1. We
compare vwind at z = 3 and 5, as well as the constant wind velocity (484 km s−1) in the CW run. The yellow shade is the observed wind velocity range from
Weiner et al. (2009). Right-hand panel: wind mass-loading factor as a function of the galaxy velocity dispersion. We compare η for the energy-driven wind
and momentum-driven wind, as well as the constant η in the CW run. The points are the observed data from Martin (1999).

where σ 0 = 300 km s−1, and σ gal = vesc/2 is the velocity dispersion
of the galaxy. In the momentum-driven wind case,

η = σ0

σgal
. (8)

In Fig. 1, we show the scaling of η and vwind as a function of
galaxy SFR and velocity dispersion σ . In the left-hand panel, one
can see that, in the MVV model, the wind velocity is an increasing
function of the SFR and redshift, in contrast to the constant wind
velocity model. Unfortunately, it has not been understood which
wind-driving mechanism is the dominant process, and the current
observational data are not yet robust enough to clearly discern the
best wind model. Therefore, we develop a new wind model by
employing both mechanisms in this paper. In the low-density regions
(ρgas < ρ th), the gas is sufficiently far away from star-forming
regions, and the hot bubbles of the gas are easy to expand and escape
the region. Therefore, in our fiducial wind model, we employ the
energy-driven mechanism for the gas particles with ρgas < ρ th. On
the other hand, in the high-density star-forming regions (ρgas >

ρ th), gas is close to the massive stars and SNe, and more likely to be
subject to a strong radiation from these sources. Therefore, in our
fiducial wind model, we employ the momentum-driven mechanism
for the gas particles with ρgas > ρ th.

Since the new model generates the wind particle from both star-
forming and non-star-forming regions, the η parameter can be writ-
ten as an addition of two separate parts:

η = ηSF + ηnon-SF, (9)

where ηSF = Ṁw,SF/Ṁ⋆ for the wind from star-forming gas and
ηnon-SF = Ṁw,non-SF/Ṁ⋆ for the wind from non-star-forming gas.
Therefore,

Ṁw = Ṁw,SF + Ṁw,non-SF = (ηSF + ηnon-SF)Ṁ⋆ (10)

for the total wind. Since the wind particles are selected randomly
within a given galaxy, the mass fraction of the wind material that
comes from star-forming and non-star-forming gas would depend
on the masses of the two components.

We note that our new wind model is an alternative phenomenolog-
ical model for galactic outflow in cosmological SPH simulations.
The values of wind parameters are determined by observational
constraints rather than from physical first principles. In addition,
the wind particles are decoupled from the hydroforce during the
wind phase. This assumption has been criticised by a few authors
(e.g. Dalla Vecchia & Schaye 2008), owing to its unphysical nature.
However, it is expected that the hydrodynamical interaction between
wind particles and other gas particles in the galaxy could give rise to
unwanted effects for low-resolution simulations. If galactic outflow
cannot be launched due to hydrodynamic interaction, there is no
point in implementing this phenomenological model in our simula-
tion. In the future, we need to continuously improve our model so
that the wind generation and propagation will be based on physical
principles.

In the default model, we adopt ζ = 1.5 for the momentum-
driven wind (for the high-density gas source) and ζ = 1 for the
energy-driven wind (for the low-density gas source). We call this
default model the ‘1.5ME’ run. The value of ζ for the momentum-
driven wind can be greater than unity, because the radiation pressure
applied by the massive stars can continuously push the outflowing
gas to a velocity greater than the escape velocity. Besides our fiducial
wind mixture, we also test several other mixtures of η and ζ , as
shown in Table 1 For comparison purpose, we also consider the
models with no wind (NW) and a CW (Springel & Hernquist 2003).
In the CW run, only star-forming SPH particles can become wind
particles, and fixed values of η = 2 and vwind = 484 km s−1 are
adopted.

In this paper, we adopt the latest WMAP5 cosmology: &m =
0.26, &' = 0.74, &b = 0.044, h = 0.72, ns = 0.96 and σ 8 =
0.80 (Komatsu et al. 2009). The simulations are initialized with
2163 particles each for gas and dark matter in a comoving box of
(10 h−1 Mpc)3. We stop this series at z = 2.75, as it misses the long-
wavelength perturbations at lower redshifts. In these simulations,
the dark matter particle mass is 5.96 × 106 h−1 M⊙ and the initial
gas particle mass is 1.21 × 106 h−1 M⊙. Using the identical initial
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Impact of Momentum-driven Wind on IGM
2584 J.-H. Choi and K. Nagamine

Figure 3. Same as in Fig. 2, but for the projected internal energy (
∫

udz): CW, NW, ME, 1.5ME, EE and 1.5MM runs from the top left-hand panel to bottom
right-hand panel. The IGM temperature is significantly higher on much larger scales in the CW run (top left-hand panel) than in the other runs. The MVV runs
hardly heat the IGM on large scales.

Figure 4. Same as in Fig. 2, but for the projected metallicity (
∫

Z dz): CW, NW, ME, 1.5ME, EE and 1.5MM runs from the top left-hand panel to bottom
right-hand panel. The metals are spread over much broader regions in the CW run than in the other runs. The MVV runs also spread a significant amount of
metals over the IGM, while the NW run (top middle panel) hardly spreads metals.
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Figure 3. Same as in Fig. 2, but for the projected internal energy (
∫

udz): CW, NW, ME, 1.5ME, EE and 1.5MM runs from the top left-hand panel to bottom
right-hand panel. The IGM temperature is significantly higher on much larger scales in the CW run (top left-hand panel) than in the other runs. The MVV runs
hardly heat the IGM on large scales.

Figure 4. Same as in Fig. 2, but for the projected metallicity (
∫

Z dz): CW, NW, ME, 1.5ME, EE and 1.5MM runs from the top left-hand panel to bottom
right-hand panel. The metals are spread over much broader regions in the CW run than in the other runs. The MVV runs also spread a significant amount of
metals over the IGM, while the NW run (top middle panel) hardly spreads metals.

C⃝ 2010 The Authors. Journal compilation C⃝ 2010 RAS, MNRAS 410, 2579–2592

Projected metal densityTemperature

10 Mpc/h

Energy-driven wind 
(constant Vw)

Momentum-driven

SH03 model



Galaxy Stellar Mass Function (z=0)

Schaye+ ’15
Crain+ ‘15

Still much variations 
among sims remain. 

Some FB param 
tuning is necessary 
for each resolution.



60 ckpc

u, g, r - composite image
SKIRT (Baes+ ’11) RT code

z=0
L100N1504 sim.

EAGLE simulation
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Illustris Simulation



Stellar Feedback

• stellar winds from young stars (“Early” stellar FB)

• radiation pressure

• dust absorption of UV —> IR emission

• photo-ionization + photo-electric heating         
(alters future heating/cooilng rates)

Hopkins+ ’13, …

(prior to standard SN feedback)

In higher res. zoom-in sims, 



Galaxy Merger 
Simulations

(Springel+ ’05, …, Hopkins+’13)

Hopkins+ ’13

Stellar Feedback:  
radiation pressure, direct 
momentum (stellar wind), 
photoionization heating

Resolution: 
mp≲1000M⦿,  ε~3pc

(GADGET SPH)

But, this is not in 
cosmological context.



Kim+ 14, 16; plus more in prep.
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ABSTRACT

We measure and analyze the energy, momentum, and mass feedback efficiencies due to radiation from active
galactic nuclei (AGNs) in relatively large-scale outflows (from ∼0.01 to ∼10 pc). Our measurements are based on
the two-dimensional (axisymmetric) and time-dependent radiation–hydrodynamical simulations recently presented
in Kurosawa & Proga. In that paper, we studied outflows from a slowly rotating (sub-Keplerian) infalling gas driven
by the energy and pressure of the radiation emitted by the AGNs. These simulations follow the dynamics of gas
under the influence of the gravity of the central 108 M⊙ black hole (BH) on scales from ∼0.01 to ∼10 pc. They
self-consistently couple the accretion luminosity with the mass inflow rate at the smallest radius (our proxy for the
mass-accretion rate, Ṁa). Over 30 simulations have been performed to investigate how the results depend on the gas
density at the outer radius, ρo. A key feature of these simulations is that the radiation field and consequently the gas
dynamics are axisymmetric, but not spherically symmetric. Therefore, the gas inflow and outflow can occur at the
same time. We compare our Ṁa–ρo relation with that predicted by the Bondi accretion model. For high luminosities
comparable to the Eddington limit, the power-law fit (Ṁa ∝ ρ

q
o ) to our models yields q ≈ 0.5 instead of q = 1.0,

which is predicted by the Bondi model. This difference is caused by the outflows which are important for the overall
mass budget at high luminosities. The maximum momentum and mass feedback efficiencies found in our models
are ∼10−2 and ∼10−1, respectively. However, the outflows are much less important energetically: the thermal and
kinetic powers in units of the radiative luminosity are ∼10−5 and ∼10−4, respectively. In addition, the efficiencies do
not increase monotonically with the accretion luminosity but rather peak around the Eddington limit beyond which a
steady-state disk–wind-like solution exists. Our energy feedback efficiencies are significantly lower than 0.05, which
is required in some cosmological and galaxy merger simulations. The low feedback efficiencies found here could
have significant implications on the mass growth of super massive BHs in the early universe. We stress, however,
that we have not considered the innermost parts of the accretion and outflow where radiation and matter interact
most strongly. The feedback from this region could have efficiencies significantly above the low values found here.

Key words: accretion, accretion disks – galaxies: evolution – galaxies: jets – galaxies: kinematics and dynamics –
hydrodynamics

Online-only material: color figures

1. INTRODUCTION

The central location of active galactic nuclei (AGNs) in their
host galaxies and the fact that they can produce a large amount of
energy imply that AGNs can play a very important role in setting
the physical conditions in their vicinity as well as on larger,
galactic, and even intergalactic scales (e.g., Igumenshchev et al.
1993; Ciotti & Ostriker 1997, 2001, 2007; King 2003; Murray
et al. 2005; Sazonov et al. 2005; Springel et al. 2005; Begelman
& Nath 2005; Hopkins et al. 2005; Wang et al. 2006b; Thacker
et al. 2006; Fabian et al. 2006, 2008; Pelupessy et al. 2007;
Krolik 2007; Merloni & Heinz 2008; Booth & Schaye 2009, and
references therein). There are many indications that support this
idea. For example, the presence of broad and narrow emission
lines and broad and narrow absorption lines in AGN spectra
suggests that AGN continuum radiation affects the immediate
environment of the AGN (see Krolik 1999 for an overview). In
addition, the tight correlation between the mass (MBH) of the
central black hole (BH) in a galactic nucleus and the velocity
dispersion σ of the galaxy’s bulge or spheroid, the so-called
MBH–σ relation (e.g., Ferrarese & Merritt 2000; Gebhardt et al.
2000; Tremaine et al. 2002), can be explained by the feedback
between AGNs and the infalling material from large distances.

1 Current address: Department of Astronomy, Cornell University, Ithaca,
NY 14853-6801, USA.

This feedback can quench both BH accretion and star formation
in the galaxy when BH reaches a certain mass. AGNs could
provide such feedback because they are very powerful sources
of energy and momentum (e.g., Silk & Rees 1998; Blandford
1999; Sazonov et al. 2005; Fabian 1999; Fabian et al. 2002; King
2003; Scannapieco & Oh 2004; Murray et al. 2005; Springel
et al. 2005; Di Matteo et al. 2005; Booth & Schaye 2009).

AGNs are powered by mass accretion onto a super massive
BH (SMBH). To illustrate how the growth of SMBH can be
self-regulated and how AGN feedback can be characterized, let
us first express the radiation luminosity due to accretion as

La = ϵrc
2Ṁa, (1)

where we invoke the simplest assumption such that the lumi-
nosity is proportional to the mass accretion rate (Ṁa) and a
radiative (or the rest-mass conversion) efficiency (ϵr). Both ϵr
and Ṁa are uncertain. For example, ϵr ranges from ∼10−1 in a
standard, radiatively efficient thin disk to ∼10−11 for spherically
symmetric accretion from a low-density medium (e.g., Shakura
& Sunyaev 1973; Shapiro 1973; Meszaros 1975; Soltan 1982;
Yu & Tremaine 2002) while the mass accretion rate depends on
poorly constrained physical conditions and geometry at large
distances from the BH.

A common method to estimate Ṁa is to adopt the analytic
formula by Bondi (1952), who considered spherically symmet-
ric accretion from a non-rotating polytropic gas with uniform

823

ϵr ≈ 10−1radiative efficiency 
(rest-mass energy conversion) Shakura & Sunyaev ’73

826 KUROSAWA, PROGA, & NAGAMINE Vol. 707

2002), and ∼0.1 or ∼0.2 (Yu & Tremaine 2002). On the other
hand, Cao & Li (2008) find that ϵr is relatively low (∼0.08) for
MBH < 108 M⊙ and relatively high (!0.18) for MBH ! 109 M⊙.
Since the exact mechanism of how the accretion luminosity of
a BH couples to the surrounding gas is not well known, SDH05
and BS09 simply assume that La couples only thermally (and
isotropically) to the surrounding. Using Equation (1), the rate of
energy deposition to the surrounding (the AGN feedback rate)
in SDH05 is written as

Ėf = ϵf La = ϵfϵrṀBHc2, (12)

where ϵf is the efficiency of the AGN energy deposition to
the surrounding gas, and is a free parameter which is to
be constrained by observations. BS09 find the models with
ϵf = 0.15 matches observations (e.g., the Magorrian relation
and the MBH–σ relations) very well, and similarly SDH05 find
that ϵf = 0.05 matches observations well (see also Di Matteo
et al. 2005). In the study of BS09, they find that the global BH
number density at the current era (zero redshift) and the BH
scaling relations are very sensitive to a choice of ϵf , and the
former is nearly inversely proportional to the value of ϵf .

3. OUR MODEL

Our approach is to use physical two-dimensional (axisym-
metric) and time-dependent hydrodynamical (HD) simulations
of AGN flows to investigate the dependency of the BH mass-
accretion rate on the surrounding gas density, and to find the
AGN feedback efficiencies in converting the accretion luminos-
ity into the outward fluxes of energy, momentum, and mass.
Here, we simply analyze the simulation results previously pub-
lished in KP09 for this purpose. KP09 used a modified version
of the ZEU S-MP code (cf. Hayes et al. 2006) for their numerical
simulations. In the following, we briefly summarize their main
model assumptions and results.

In KP09, we studied axisymmetric hydrodynamical simula-
tions of a slowly rotating gas that is under the influence of the
gravity of a 108 M⊙ BH and is irradiated by a geometrically thin
UV accretion disk and a spherical X-ray corona. We assumed
that the AGN radiation is dominated by the disk radiation (95%
of the total luminosity). Further, we account for the fact that
the radiation from the disk depends on the polar angle θ , i.e.,
proportional to cos θ due to the geometrical foreshortening. We
ran a set of simulations for various values of the gas density (ρo)
at the outer radius of the computational domain, ro ≈ 7 pc. After
the initial transient stage, this density determines the key char-
acteristics of our solutions such as the accretion luminosity and
the outflow properties. We compute the accretion luminosity of
a system based on the accretion-rate, which is assumed to be
equal to the mass-supply rate at the inner radius of the compu-
tational domain ri ≈ 10−2 pc (i.e., we used Equation (1), where
we assumed ϵr = 1/12 and Ṁa = Ṁin[ri]). See Section 5.3 for
more details on this assumption.

For the models with high-temperature gas at large radii and
with high luminosities, we found a strong correlation between
Ṁout and La (see Figure 1 in KP09). The power-law index
describing the correlation is very similar to that for radiation-
driven stellar and disk–wind models (e.g., Castor et al. 1975;
Proga et al. 1998; Proga 1999). More surprisingly, for the models
with high density at large radii, we found steady-state solutions
with La exceeding the Eddington limit. The super-Eddington
accretion proceeds in the equatorial region and is possible
because the radiation flux from the disk is significantly reduced

in the equatorial direction due to the geometrical foreshortening
effect.

In all simulations performed by KP09, an outflow is driven
from an inflow with sub-Keplerian rotation. For the models
with high temperatures at large radii, the inflow occurs over
a wide range of the polar angles, whereas the outflow occurs
in a relatively narrow polar angle range (see the left panel in
Figure 2). However, for the super-Eddington cases with low
temperature at large radii, the inflow persists only very close to
the equatorial plane, resembling a thin accretion disk, while the
outflow arises in a wide range of radii and polar angles (see the
right panel in Figure 2). The geometry of this extreme inflow–
outflow solution is very similar to a radiation-driven wind from
a luminous Keplerian accretion disk (e.g., Woods et al. 1996;
Proga et al. 1998; Proga & Kallman 2002). For the cold super-
Eddington solutions, Ṁout is only very weakly correlated. The
weaker correlation is mainly caused by a mismatch between the
direction of escaping photons and the inflowing gas. In other
words, the radiation is emitted mostly in the polar directions
whereas the inflowing gas occurs mainly in the equatorial region.

As it has been discussed and shown in the past, we find
that self-consistently determined preheating/cooling from the
quasar radiation can significantly reduce the rate at which
the central BH is fed with matter. However, our results also
emphasize a little-appreciated feature. Namely, quasar radiation
does drive a non-spherical, multi-temperature, and very dynamic
flow.

In the following, we present the mass-accretion rates and var-
ious (energy, momentum, and mass) AGN feedback efficiencies
computed from the simulations. For this purpose, we use a sub-
set of the models in KP09. Here, we concentrate on the models in
which the outer boundary temperature is not fixed at a constant
value, but it is self-consistently determined from the radiative
and adiabatic heating (Models 28–34 in KP09). Note that the
flow solutions for these models are, in general, very similar to
those with the fixed outer boundary temperature at 2 × 106 K
(the low temperature models, i.e., Models 1–9 in KP09).

4. RESULTS

We analyze the dependency of the mass-accretion rate on the
gas density at a large distance from a BH and AGN feedback
efficiencies based on the axisymmetric hydrodynamical simula-
tions presented in KP09. The main results of the models along
with the input outer boundary density ρo are summarized in
Table 1.

4.1. Mass-accretion Rates

The mass-inflow rates at the inner boundary Ṁin (ri) and those
at outer boundary Ṁin (ro) from the HD simulations are plotted
as a function of the outer boundary density ρo in Figure 3
(see Table 1 for the numerical values). For a given value of
ρo, Ṁin (ri) and Ṁin (ro) are not equal to each other, but rather
Ṁin (ri) < Ṁin (ro) because of an outflow. The lowest density
model (Model 35) is an exception since no outflow is formed in
this model. For the higher density models, an outflow forms, and
not all the material entering from the outer boundary reaches the
inner boundary. A fraction of gas experiences a strong radiation
pressure and radiative heating, and the direction of flow changes,
forming an outflow.

The figure also shows the the mass-accretion rates predicted
by the Bondi accretion model (Equation (2)) and those computed
from the formulations of SDH05 and BS09 (Equations (9)

826 KUROSAWA, PROGA, & NAGAMINE Vol. 707
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simulations. In the following, we briefly summarize their main
model assumptions and results.

In KP09, we studied axisymmetric hydrodynamical simula-
tions of a slowly rotating gas that is under the influence of the
gravity of a 108 M⊙ BH and is irradiated by a geometrically thin
UV accretion disk and a spherical X-ray corona. We assumed
that the AGN radiation is dominated by the disk radiation (95%
of the total luminosity). Further, we account for the fact that
the radiation from the disk depends on the polar angle θ , i.e.,
proportional to cos θ due to the geometrical foreshortening. We
ran a set of simulations for various values of the gas density (ρo)
at the outer radius of the computational domain, ro ≈ 7 pc. After
the initial transient stage, this density determines the key char-
acteristics of our solutions such as the accretion luminosity and
the outflow properties. We compute the accretion luminosity of
a system based on the accretion-rate, which is assumed to be
equal to the mass-supply rate at the inner radius of the compu-
tational domain ri ≈ 10−2 pc (i.e., we used Equation (1), where
we assumed ϵr = 1/12 and Ṁa = Ṁin[ri]). See Section 5.3 for
more details on this assumption.

For the models with high-temperature gas at large radii and
with high luminosities, we found a strong correlation between
Ṁout and La (see Figure 1 in KP09). The power-law index
describing the correlation is very similar to that for radiation-
driven stellar and disk–wind models (e.g., Castor et al. 1975;
Proga et al. 1998; Proga 1999). More surprisingly, for the models
with high density at large radii, we found steady-state solutions
with La exceeding the Eddington limit. The super-Eddington
accretion proceeds in the equatorial region and is possible
because the radiation flux from the disk is significantly reduced
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effect.

In all simulations performed by KP09, an outflow is driven
from an inflow with sub-Keplerian rotation. For the models
with high temperatures at large radii, the inflow occurs over
a wide range of the polar angles, whereas the outflow occurs
in a relatively narrow polar angle range (see the left panel in
Figure 2). However, for the super-Eddington cases with low
temperature at large radii, the inflow persists only very close to
the equatorial plane, resembling a thin accretion disk, while the
outflow arises in a wide range of radii and polar angles (see the
right panel in Figure 2). The geometry of this extreme inflow–
outflow solution is very similar to a radiation-driven wind from
a luminous Keplerian accretion disk (e.g., Woods et al. 1996;
Proga et al. 1998; Proga & Kallman 2002). For the cold super-
Eddington solutions, Ṁout is only very weakly correlated. The
weaker correlation is mainly caused by a mismatch between the
direction of escaping photons and the inflowing gas. In other
words, the radiation is emitted mostly in the polar directions
whereas the inflowing gas occurs mainly in the equatorial region.

As it has been discussed and shown in the past, we find
that self-consistently determined preheating/cooling from the
quasar radiation can significantly reduce the rate at which
the central BH is fed with matter. However, our results also
emphasize a little-appreciated feature. Namely, quasar radiation
does drive a non-spherical, multi-temperature, and very dynamic
flow.

In the following, we present the mass-accretion rates and var-
ious (energy, momentum, and mass) AGN feedback efficiencies
computed from the simulations. For this purpose, we use a sub-
set of the models in KP09. Here, we concentrate on the models in
which the outer boundary temperature is not fixed at a constant
value, but it is self-consistently determined from the radiative
and adiabatic heating (Models 28–34 in KP09). Note that the
flow solutions for these models are, in general, very similar to
those with the fixed outer boundary temperature at 2 × 106 K
(the low temperature models, i.e., Models 1–9 in KP09).
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We analyze the dependency of the mass-accretion rate on the
gas density at a large distance from a BH and AGN feedback
efficiencies based on the axisymmetric hydrodynamical simula-
tions presented in KP09. The main results of the models along
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Table 1.
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not all the material entering from the outer boundary reaches the
inner boundary. A fraction of gas experiences a strong radiation
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forming an outflow.
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more abrupt in the more massive systems. Here, the total gas supply
for accretion is larger, and the gravitational potential well is deeper,
and so the black hole has to grow much more before its released
energy is sufficient to expel the gas in a quasar driven wind, which
then terminates further nuclear accretion and star formation. For
the same reasons, the initial growth of the black holes, which is
regulated by the properties of nearby gas, depends on the total mass.
It is faster in more massive systems, which can therefore reach the
exponential, Eddington-limited growth phase more easily. The
lifetime of the active black hole phase, however, increases for smaller
black hole masses, implying that low-luminosity quasars should be
more numerous than bright ones. This is consistent with them
residing in a greater number of smaller galaxies and with what has
been found in recent surveys26,27.
The dependence of black hole growth on galaxy mass yields a

relation between the stellar spheroid of the remnant galaxy and its
central black hole. Figure 3 shows the black hole mass versus the
stellar velocity dispersion of the merger remnants from our simu-
lations, compared with observations. We show simulations with six
different galaxy masses, each of which has been run with three
different initial gas mass fractions of the galaxies’ disks. Remarkably,

our simulations reproduce the observed MBH–j correlation very
well. Note that black holes in more gas-rich mergers reach some-
what larger masses than those growing in gas-poorer environments
(which is expected from our prescription for the accretion rate), but
this is partly compensated by an increase in the velocity dispersion
of the corresponding bulges, maintaining a comparatively tight
MBH–j relation. However, this suggests that part of the intrinsic
scatter in the observed relation can be ascribed to different gas
fractions of the galaxies during black hole growth. Our lowest mass
galaxy models probe a region of the MBH–j relation where few
measurements are available, and predict that this correlation should
hold towards small black holemasses and small velocity dispersions,
in tentative agreement with recent observations28.

Black hole growth is self-regulated in our models. As galaxies
merge to form spheroids, the dynamical response of the gas to the
energy supplied by accretion halts further growth once the black
holes have reached a critical size for the gravitational potential of the
bulge. At this saturation point, the active galactic nuclei (AGN)
generate outflows that drive away gas and inhibit further star
formation. Our simulations are, to our knowledge, the first self-
consistent models to demonstrate that self-regulation can quanti-
tatively account for the principle observational facts known for the
local population of supermassive black holes, most notably the
MBH–j relation. Moreover, self-regulation in our hydrodynamical
simulations predicts a specific duration of the luminous episode of a
black hole in a given galaxy, thereby explaining the origin of quasar
lifetimes. We note that the final black hole masses we obtain are
roughly proportional to the inverse of the value assumed for the
feedback efficiency, f. We note that our choice of f ¼ 0.05 is
consistent with the value required in semi-analytic models8 to
explain the evolution of the number density of quasars.

The black hole accretion activity also has a profound effect on the
host galaxy. The remnant spheroid is gas-poor and has low residual
star formation, so it evolves to a red stellar colour on a short
timescale. The simulations shown heremake it possible to draw firm
conclusions about this and other links between black hole growth,
quasar activity and properties of the galaxy population. Our
approach can also be implemented in cosmological simulations of
hierarchical structure formation in representative pieces of the
Universe. Such simulations will allow us to study directly why
quasars were much more numerous in the early Universe than
they are today, and how black holes and galaxies have influenced
each other throughout cosmic history. A
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Figure 3 The relation between the final black hole mass,M BH, and the velocity dispersion

of stars, j, of our galaxy merger simulations compared with observational measurements.

Filled circles show the masses of the black holes and the bulge velocity dispersions

measured for the final remnants of six merger simulations of galaxies with disk gas

fraction of 20%, but different total mass, parameterized by virial velocities of V vir ¼ 50,

80, 160, 320 and 500 km s21 (shown by the dark to light red, from low- to high-mass

galaxies respectively). Open circles and open squares with the same colour give results for

gas fractions of 40% and 80%, respectively. We have also checked that our results are

insensitive to the orbits of the galaxy collisions. Mimicking the observational data, we

calculate j as the line-of-sight stellar velocity dispersion of stars in the bulge within the

effective radius, R e, of the galaxy. Black symbols show observational data for the masses

of supermassive black holes and the velocity dispersions of their host bulges;

measurements based on stellar kinematics are denoted by black filled stars, those on gas

kinematics by black open squares, and those on maser kinematics by black filled

triangles. Details for all the displayed measurements and associated r.m.s. error bars are

given in refs 3 and 27. The observed BH sample has been fitted by a power law relation,

yielding30:M BH ¼ (1.5 ^ 0.2) £ 108M ((j/200)
4.02^0.32 (here j is in units of km s21).

The inset shows the relation between the virial velocity, V vir, and j—shown in the x axis of

the main panel—measured for the merger remnants in the simulations. The same colour

coding is used as in the main panel to indicate corresponding mass objects.
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hot phase

tcool
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Gas Accretion onto Halos

Noh & Mcquinn ‘14

const. Jeans mass
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(assuming reionization 
heating to T=2e4 K @ z=9)
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“Cold Flow Disk”

Extended, flattened rotating structures of high–J material.

z~3

Stewart+’17



Stewart+’17

Cold gas in halos have 4x J
than dark matter

λDM ≃ 0.04 

λcold ≃ 0.15

λx ≡ jx/ 2V R
spin param.



Impact of SN feedback on Gas

w.	SN	feedback	No	SN	feedback

500	kpc	(com)

zoom-in sim:  from z=20 to 6, resol. ~ 30 pc @ z~6 

Yajima, KN+ ‘17



Different morphologies @ z~7 w/ diff. SF & FB models

(zoom-in sim) Yajima, KN+ ‘17



Romano-Diaz+ ‘11
z=10.2

z=6.3
Yajima+ ‘15

resolution ~ 30 pc (proper),  300 c-pc

Massive disk gal @ z~10

Mtot ∼ 1.1 × 1010 h−1 M⊙ 

total disk mass is ∼2.9 × 109 h−1 M⊙ 

Mstar,disk ~ 8 × 108 h−1 M⊙ 

Mgas ∼ 4.8 × 1010 M⊙ 

Mdust/Mmetal = 0.4,     i.e. Mdust = 0.008 Mgas (Z/Z⊙ ) 

Mstar ∼ 4.1 × 1010 M⊙ 



Merger or Smooth Accretion?

Jaacks, Choi & KN, 12b
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Accretion vs. Merger?

Gas Accretion Rate

Stellar Accretion

Smooth gas accretion & In Situ SFR >> 
Mergers

Romano-Diaz+ ‘14
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Choi & KN ’09 cosmo SPH sims

fesc ~ few %

fesc ~ few 10s%

Authentic Ray Tracing method
(Nakamoto+ ’01,  Illiev+ ’06,  Yajima+ ’09)

Mtot ∼ 7 × 1011 M⊙

Mtot ∼ 1 × 1010 M⊙

Escape Fraction of Ionizing 
Photons



Escape Fraction of Ionizing Photons

Wise+ ’14

6 Yajima et al.

Figure 2. Escape fraction as a function of halo mass at z = 3−6
for the N144L10 Fiducial UVB run. Different colors are used for
different redshifts (red: z = 3, blue: z = 5, green: z = 6). The
triangles in the bottom right panel show the mean values in each
mass bin with 1-σ error bars. The data points with log fesc < −2.5
are shown at log fesc = −2.5 for plotting purposes.

the fesc of high-mass haloes with Mh > 1010M⊙ clearly de-
creases with redshift (blue open circles), and that of the low-
mass haloes does not change largely. On the other hand, our
results and Gnedin et al. (2008) indicate that fesc of high-
mass haloes with Mh > 1010M⊙ does not change largely
with redshift. For low-mass haloes with Mh < 1010M⊙, it
seems that fesc is increasing slightly with decreasing redshift
in our simulations. This might be due to the increasing cos-
mic SFR density and increasing UVB intensity from z = 6
to z = 3. Indeed, if we calculate the radiative transfer with-
out the contribution of UVB in Eq. (2) for the Fiducial run
at z = 3 with the same gas and stellar distribution, fesc
decreases by ∼ 10− 20 per cent. In addition, the mass frac-
tion of gas with log nH > 0.6 within haloes increases with
increasing redshift, which leads to lower escape fraction due
to higher recombination rate.

Figure 4 shows the probability distribution function
(PDF) of star particles as a function of fesc in haloes with
Mh ! 1011M⊙ (top panel) and Mh > 1011M⊙ (bottom
panel). The probability is defined by P (fesc) = Nstar(fesc ∼
fesc + ∆fesc)/(Nstar,total∆fesc), where Nstar is the number
of star particles that have the value of fesc, Nstar,total is the
total number of source star particles, and ∆fesc is the bin
width. The figure shows that the lower mass haloes have a
longer tail towards higher values of fesc. Since the ionization
structure in low-mass haloes shows conical regions of highly
ionized gas, ionizing photons can escape easily through these
ionized cones, but not through other angular directions cov-
ered by highly neutral gas. This allows for some star particles
in lower mass haloes to have high fesc. On the other hand,
the higher mass haloes show very complex and clumpy dis-
tribution of highly neutral gas, therefore it is more difficult

Figure 3. Mean escape fraction in each mass bin of Fig. 2 as
a function of redshift. Different symbols indicate different halo
mass ranges (filled circles: 108.75 − 109.25M⊙, stars: 109.25 −

109.75M⊙, filled triangles: 109.75 − 1010.25M⊙, open squares:
1010.25 − 1010.75M⊙, crosses: 1010.75 − 1011.25M⊙, open trian-
gles: 1011.25 −1011.75M⊙, and open circle: 1011.75 −1012.25M⊙).
The green open circles are for a relatively massive halo (Mtotal =
4 × 1011M⊙ at z = 3) examined by Gnedin et al. (2008), which
is to be compared with our open triangles. The red open circles
are for a similarly massive halo (Mh ∼ 1011M⊙) in the S33 run
of Razoumov & Sommer-Larsen (2010), which is to be compared
with our crosses.

for the ionizing photons to escape, and there are no star par-
ticles with fesc > 0.6. Thus the PDF for higher mass haloes
is concentrated at fesc < 0.1.

We also find that there is a large dispersion in fesc
for the low-mass haloes with Mh ! 1011M⊙. This result
may explain some of the recent observations. For example,
Shapley et al. (2006) and Iwata et al. (2009) detected ion-
izing radiation from high-z galaxies, with a detection rate
of about 10 per cent. The detected galaxies show extremely
high fesc (∼ 100 per cent). Our results do not show such
high values of fesc, however the fesc derived by Shapley et al.
(2006) and Iwata et al. (2009) are estimated from the flux
ratio at the Lyman limit and UV continuum. Recently Inoue
(2010) pointed out that the nebulae emission lines can boost
the above flux ratio, leading to a very high fesc with an as-
sumption that the fesc of nebular and stellar emission is a
few tens of per cent.

In our simulation sample, about 10 per cent show high
fesc (> 0.4). These galaxies may corresponding to the re-
cently observed objects with very high fesc. Furthermore,
Iwata et al. (2009) showed that fesc decreases with increas-
ing UV flux. In our simulations, SFR is positively correlated
with halo mass, therefore our result of decreasing fesc with
increasing halo mass is consistent with that of Iwata et al.
(2009).

c⃝ 2008 RAS, MNRAS 000, 1–13

Yajima, Choi, KN ’11
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• Decreasing fesc as a func 
of Mhalo --- roughly consistent 
with Razoumov+’09;  but 
somewhat different from 
Gnedin+’09,  Wise & Cen ’09 

• Universe can be reionized by 
the star-forming galaxies at 
z=6 if C≤10.

• High fesc for low-mass gals 
helps.

Yajima, Choi, KN ’11

fesc as a func of Mhalo & redshift
6 Yajima et al.

Figure 2. Escape fraction as a function of halo mass at z = 3−6
for the N144L10 Fiducial UVB run. Different colors are used for
different redshifts (red: z = 3, blue: z = 5, green: z = 6). The
triangles in the bottom right panel show the mean values in each
mass bin with 1-σ error bars. The data points with log fesc < −2.5
are shown at log fesc = −2.5 for plotting purposes.

the fesc of high-mass haloes with Mh > 1010M⊙ clearly de-
creases with redshift (blue open circles), and that of the low-
mass haloes does not change largely. On the other hand, our
results and Gnedin et al. (2008) indicate that fesc of high-
mass haloes with Mh > 1010M⊙ does not change largely
with redshift. For low-mass haloes with Mh < 1010M⊙, it
seems that fesc is increasing slightly with decreasing redshift
in our simulations. This might be due to the increasing cos-
mic SFR density and increasing UVB intensity from z = 6
to z = 3. Indeed, if we calculate the radiative transfer with-
out the contribution of UVB in Eq. (2) for the Fiducial run
at z = 3 with the same gas and stellar distribution, fesc
decreases by ∼ 10− 20 per cent. In addition, the mass frac-
tion of gas with log nH > 0.6 within haloes increases with
increasing redshift, which leads to lower escape fraction due
to higher recombination rate.

Figure 4 shows the probability distribution function
(PDF) of star particles as a function of fesc in haloes with
Mh ! 1011M⊙ (top panel) and Mh > 1011M⊙ (bottom
panel). The probability is defined by P (fesc) = Nstar(fesc ∼
fesc + ∆fesc)/(Nstar,total∆fesc), where Nstar is the number
of star particles that have the value of fesc, Nstar,total is the
total number of source star particles, and ∆fesc is the bin
width. The figure shows that the lower mass haloes have a
longer tail towards higher values of fesc. Since the ionization
structure in low-mass haloes shows conical regions of highly
ionized gas, ionizing photons can escape easily through these
ionized cones, but not through other angular directions cov-
ered by highly neutral gas. This allows for some star particles
in lower mass haloes to have high fesc. On the other hand,
the higher mass haloes show very complex and clumpy dis-
tribution of highly neutral gas, therefore it is more difficult

Figure 3. Mean escape fraction in each mass bin of Fig. 2 as
a function of redshift. Different symbols indicate different halo
mass ranges (filled circles: 108.75 − 109.25M⊙, stars: 109.25 −

109.75M⊙, filled triangles: 109.75 − 1010.25M⊙, open squares:
1010.25 − 1010.75M⊙, crosses: 1010.75 − 1011.25M⊙, open trian-
gles: 1011.25 −1011.75M⊙, and open circle: 1011.75 −1012.25M⊙).
The green open circles are for a relatively massive halo (Mtotal =
4 × 1011M⊙ at z = 3) examined by Gnedin et al. (2008), which
is to be compared with our open triangles. The red open circles
are for a similarly massive halo (Mh ∼ 1011M⊙) in the S33 run
of Razoumov & Sommer-Larsen (2010), which is to be compared
with our crosses.

for the ionizing photons to escape, and there are no star par-
ticles with fesc > 0.6. Thus the PDF for higher mass haloes
is concentrated at fesc < 0.1.

We also find that there is a large dispersion in fesc
for the low-mass haloes with Mh ! 1011M⊙. This result
may explain some of the recent observations. For example,
Shapley et al. (2006) and Iwata et al. (2009) detected ion-
izing radiation from high-z galaxies, with a detection rate
of about 10 per cent. The detected galaxies show extremely
high fesc (∼ 100 per cent). Our results do not show such
high values of fesc, however the fesc derived by Shapley et al.
(2006) and Iwata et al. (2009) are estimated from the flux
ratio at the Lyman limit and UV continuum. Recently Inoue
(2010) pointed out that the nebulae emission lines can boost
the above flux ratio, leading to a very high fesc with an as-
sumption that the fesc of nebular and stellar emission is a
few tens of per cent.

In our simulation sample, about 10 per cent show high
fesc (> 0.4). These galaxies may corresponding to the re-
cently observed objects with very high fesc. Furthermore,
Iwata et al. (2009) showed that fesc decreases with increas-
ing UV flux. In our simulations, SFR is positively correlated
with halo mass, therefore our result of decreasing fesc with
increasing halo mass is consistent with that of Iwata et al.
(2009).

c⃝ 2008 RAS, MNRAS 000, 1–13

(cf. Gnedin+, Paardekooper+, Razoumov+, Wise&Cen)



Reionization of the Universe

Jaacks, Choi & KN ‘12a

108<M★<109M★>109

M★<108

Low mass gals dominate the contrib. to the 
ionizing photons & they can maintain 

ionization to z~6

H2-BASED STAR FORMATION MODEL, z ≥ 6 LUMINOSITY FUNCTION, & REIONIZTION 5

Figure 3. SFRF of simulated galaxies at z = 6, 7,&8, shown as red triangles, blue circles and green squares, respectively. The observational
estimates (Smit et al. 2012) are shown by filled cyan diamonds. Solid red, blue and green lines represent the best-fit Schechter+ functions
(Equation 2) to the simulation data.

Figure 4. SFRD obtained from the integration of SFRF for
both H2 and Fiducial runs with SFR limits of log(SFR) = −0.10
(solid/dashed red line) and log(SFR) = −1.0 (solid/dashed green
crossed line). Observations from Bouwens et al. (2012b) are rep-
resented by the black squares and recent z = 8 observations from
Oesch et al. (2012) by a blue diamond. The open black squares
and open blue diamond show the same observed points adjusted for
a Chabrier IMF. The SFRD required to maintain IGM ionization
(Equation 3) is shown by the shaded gray area for 7 ≤ C/fesc ≤ 50.
The blue dot-dashed line represents an updated estimation of the
critical SFRD by Shull et al. (2012).

limit of log(SFRlim) = −1.0, shows that the total SFRD
in our simulations is significantly higher than what is
currently observed. This is consistent with our previous
findings (Choi & Nagamine 2012; Jaacks et al. 2012a).
The reduction of SFRD at z ≥ 6 is also consistent with
findings by Krumholz et al. (2009); Gnedin & Kravtsov
(2010), and Kuhlen et al. (2012), who show that H2-
SF model reduces high-z SFRD due to metallicity effect
(Thompson et al. 2013). However the degree of reduc-
tion may still be different among different simulations
and models.
To determine whether or not our simulated galaxy pop-

ulation is sufficient to maintain reionization, we utilize
the theoretical prescription presented in Madau et al.
(1999), which quantifies the minimum SFRD required
to keep the intergalactic medium (IGM) ionized (shaded
gray contour):

ρ̇⋆ ≈ 2× 10−3

(

C

fesc

)(

1 + z

10

)3

[M⊙ yr−1Mpc−3]. (3)

This depends on redshift and the ratio of IGM clumping
factor (C) and escape fraction (fesc) of ionizing photons
from galaxies. Given that the exact values of both C and
fesc are still debated and uncertain, we show a wide range
of 7 ≤ C/fesc ≤ 50 (grey shade in Figure 4) which are
consistent with works by Iliev et al. (2006); Pawlik et al.
(2009); Finlator et al. (2012); Kuhlen & Faucher-Giguère
(2012).
We also include an updated estimation of the critical

SFRD by Shull et al. (2012, blue dot-dashed line) which
includes considerations for the Ly-continuum production
rates and the temperature scaling of the recombination
rate coefficient. Their calculation uses a fiducial value of
C/fesc = 15.
Figure 4 reinforces our previous arguments (Jaacks

et al. 2012a) that the abundant, low-luminosity galax-
ies, which are currently beyond the detection threshold of
HST, dominate the total SFRD at z ≥ 6. When this pop-
ulation is considered, there is sufficient amount of ioniz-
ing photons available to maintain ionization by z = 6−7
for a reasonable value of C/fesc.

4. CONCLUSIONS AND DISCUSSIONS

Using GADGET-3 cosmological SPH simulations
equipped with a H2-SF model, we examined UV LF,
SFRF and the contribution of low-luminosity galaxies to
the total SFRD at z ≥ 6 . Our major conclusions are as
follows.

• We find that, at Muv ! −18, the H2-based SF
model does not change the faint-end slope from
our Fiducial runs with α < −2.00 at z ≥ 6

Munoz & Loeb ’11
Madau+ ’99

Jaacks, Thompson, KN ’13



Escape Fraction of Ionizing Photons

Authors fesc,ion (Mhalo) Method

Gnedin+ ’09 10-5-10-1, AMR, 6Mpc box, 65pc 
res, OTVET, z=3 

Razoumov+’09  1.0-0.0,
SPH, 6Mpc box, 

~0.5kpc res, resim 9 
gals, z=4-10 

Wise & Cen +’09  0-0.4, AMR, 2 & 8Mpc box, 
0.1pc res, z=8 

Yajima+ ’09  0-0.5,
Eulerian (Mori & 

Umemura ’06 sim, single 
system, t=0-1Gyr)

Yajima, Choi, KN ’11 1.0-0.0
SPH, 10Mpc box, 

~0.5kpc res, z=3-6
100s of gals.

1011-1012 M⦿

Very low

108-1011M⦿

106-109M⦿ 

Large scatter & time evol.

with time
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Figure 6. Same as Figure 5 but for cosmological halos. The halo numbers are labeled in parentheses.
(A color version of this figure is available in the online journal.)

experiences similar gaseous structures when propagating out-
ward. In the bursts, the fesc quickly increases when the H ii
region breaks out from the halo, which can take up 10 Myr
after the starburst starts. The escape fraction peaks when the
SFR is at its maximum and varies anywhere from 10−3 to
unity, depending on the column density of the surrounding
medium.

In more massive halos, the escape fraction is highly dependent
on preceding star formation and its effect on the gas structure.
For example, in halos with Mvir = 107.5–108.5 M⊙, SFRs that
differ by an order of magnitude can produce similar values
of fesc. In the initial starburst, the radiation needs to escape
through a relatively smooth r−2 density profile and fesc ! 0.5.
Then conditions quickly erode from this smooth initial state to a
turbulent multiphase ISM because of both radiative cooling and
stellar feedback. Now radiation must escape through a clumpy
and turbulent ISM, whose porosity can increase fesc for a given
luminosity or SFR (Clarke & Oey 2002).

Generally only radiation from the strongest starbursts can
escape, whereas during suppressed periods of star formation
very little (fesc < 0.01) radiation escapes. As SFRs become
more consistent in halos with Mvir > 109 M⊙, the escape
fraction varies between 0.1 and 1.0 with less variation than
the lower mass halos. In addition, we find that radiation from
stars that form on the outskirts of the thin disk have a higher

escape fraction than stars that are deeply embedded within the
galaxy, which is similar to the results of GKC08.

In Figure 7, we plot the average UV escape fraction as a
function of halo mass, where the error bars indicate the standard
deviation of fesc over the 11 models for each halo mass. Halos
with Mvir " 108 M⊙ have fesc ∼ 0.5 ± 0.2. For a normal IMF
in these low-mass halos, fesc drops to values below 0.1. Escape
fractions steadily increase with halo mass to ∼ 0.8 above this
mass for both top-heavy and normal IMFs.

As seen in Figure 5, fesc is highest when the SFR is at its
maximum, max(SFR). To depict this strong dependence on the
strength of the starburst, we show fesc for every simulated halo
as a function of max(SFR) in Figure 8, grouped by halo mass.
For instance in the Mvir = 107.5 M⊙ halos, fesc increases from
0.2 to 0.8 when max(SFR) is higher by an order of magnitude.
We have also plotted the idealized halos with a normal IMF as
large open circles.

3.2.2. Dependence on Halo Parameters

Although the absolute values of fesc in idealized halos are
inaccurate for reasons discussed in the previous section, we can
utilize the trends with physical halo parameters–baryon mass
fraction, spin parameter, and turbulent energy–to estimate fesc
in cosmological halos other than the ones studied in this paper.
For example, Wise & Abel (2008a) found that the first stars

in origin: the disk can be perturbed by mergers and interactions
with satellites, which are only weakly correlated with SFR or red-
shift (unless a disk goes into a starburst phase).

In the smaller galaxy shown in Figure 8, on the other hand, the
young stars are embedded deep in the neutral disk with no stars
outside the edge. This is because the density and pressure required

for star formation are reached only near the midplane of the disk.
This is also the reason for lower star formation efficiency in dwarf
galaxies in these simulations compared to massive galaxies (see
Tassis et al. 2008 for detailed discussion). The outer, lower den-
sity H i disk is thus inert in terms of star formation. In bigger gal-
axies, the disk is denser and star formation is occurring closer to

Fig. 8.—Edge-on (left) and face-on (right) views of two galaxies from our simulation at z ¼ 3. The top panels show the largest galaxy in the simulation box (Mtot ¼
3:7 ; 1011 M", SFR ¼ 5:8 M" yr#1, fesc ¼ 1:5%), while the bottom row shows a smaller galaxy with a negligible escape fraction (Mtot ¼ 5:3 ; 1010 M", SFR ¼
0:75M" yr#1, fesc ¼ 2:5 ; 10#4). Blue areas show the volume rendering of the H i density, while yellow dots show young stars (stars older than about 20 Myr are not
shown). Sizes of the gaseous disks in both galaxies are comparable, but in the smaller galaxy the stellar disk is fully embedded in the gas disk, resulting in a low value for
the escape fraction.

IONIZING RADIATION FROM HIGH-REDSHIFT GALAXIES 771No. 2, 2008
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Emission lines from 
high-z galaxies

Arata, Yajima, KN+ ’18, 19
Arata, Yajima, KN+ ’19,  arXiv:1908.01438

(just posted yesterday!)

(slides from Arata’s IAU presentation)



Radiative Properties of 
the First Galaxies

How does the wide variety emerge??

Galaxy mergers

JWST

ALMA
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Galaxy Evolution and 
Radiative Properties
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Gas inflow

Star formation

Dust production
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Arata, Yajima, KN+ ’18, 19



Previous Works
(Cosmological hydro. + Radiative transfer)

Yajima+15

Ma+15

Behrens+18

150 kpc
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overdense region

UV light is
heavily obscured
by dust
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SMG at z=8.38
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(Laporte+17)
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Model & Setup

(Li+08, Yajima+12)

・Adaptive Mesh Refinement (AMR)

・Multi-wavelength radiative transfer

code: GADGET-3 developed by First Billion Years (FiBY) project
(Johnson+13)

Cosmological hydrodynamic simulations

z = 6 – 15 Zoom-in method (Yajima+17, Arata+18)

target halo:  Mh ~ 1011 Ms (Halo-11), 1012 Ms (Halo-12) at z=6

Radiative transfer calculations

code: ART2 

Ionizing / Dust cont. / Lyα / Metal lines

Dust mass in a cell: md ≈ xcρcVD0.01

(
Z

Z⊙

)
scattering

UV source

absorption
re-emission

scattering

(Tdust update)

(Yajima+12)



Star Formation
(Yajima+17, see also Kimm & Cen 14)
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: galaxies in simulations

Observationsz ∼ 7
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Intermittent SF —> wide variety of radiative properties

rest-UV
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Sub-mm
source

Large Dispersion of IR Luminosity

Rapid transition

Arata+ ‘18
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gas+dust

O III

C II!
C II!
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[O III]/[C II] Ratio Evolution
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Metal enrichment
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due to dust absorption
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metal cooling
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Dust Temperature

Arata, Yajima, KN+ ‘18



Galactic Size
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Projected Images
Halo-11@z=6

Gas Star Dust

Tdust rest-UV sub-mm

Arata, Yajima, KN+ ‘18



Summary
We studied radiative properties of the first galaxies
using cosmological hydrodynamic simulations
and multi-wavelength radiative transfer calculations

Intermittent star formation due to SN feedback generates 
wide variety of radiative properties

Time-scale of color transition is ~100 Myr

UV escape fraction fluctuates between 20-80%

[O III]/[C II] ratio declines with metal enrichment

LLyα~1042 erg s-1 at z~10 might be observed by JWST

Arata, Yajima, KN+ ’19,  arXiv:1908.01438
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